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How did our solar system come to be?

4.6 Billion 
Years Ago
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It all began about 4.6 billion years ago in a 
wispy cloud of gas and dust.

The result: a flat spinning disk of dust and gas. 

At some point, part of the cloud collapsed in on 
itself—possibly because the shockwave of a nearby 
supernova explosion caused it to compress.  

When enough material collected at this disk’s 
center, nuclear fusion began. Our sun was born. 
It gobbled up 99.8% of all the material.

These clumps became planets, dwarf planets, 
asteroids, comets, and moons.

Comets and asteroids are the 
left over remains of the solar 
system’s formation.

Nuclear fusion occurs 
when hydrogen atoms 
fuse into helium.

The material left behind by the 
sun clumped together into 
bigger and bigger pieces.

This cloud was a small part of a much 
bigger cloud.

Only rocky things could survive close to the sun, so 
gaseous and icy material collected further away. That’s 
how our solar system came to be the place it is today!

For more articles, games, and activities, visit spaceplace.nasa.gov
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tion, planetesimals have swept up almost all the 
original dust. Planetesimals are hard to see di-
rectly, but astronomers can infer their presence 
from the debris of their collisions [see “The Hid-
den Members of Planetary Systems,” by David 
Ardila; Scientific American, April 2004].
 Ending point: Swarms of kilometer-size 
building blocks known as planetesimals

 3.  Planetary Embryos Germinate  
 Time: 1 million to 10 million years

The cratered landscapes on Mercury, the moon 
and the asteroids leave little doubt that nascent 
planetary systems are shooting galleries. Colli-
sions between planetesimals either build them 
up or break them apart. A balance between 
coagulation and fragmentation leads to a distri-

2.  The Disk Sorts Itself Out  
Time: About 1 million years 

Dust grains in the protoplanetary disk are 
stirred by nearby gas and collide with one 
another, sometimes sticking together, some-
times breaking apart. The grains intercept star-
light and reemit lower-wavelength infrared 
light, ensuring that heat reaches even the dark-
est regions of the disk’s interior. The tempera-
ture, density and pressure of gas generally 
decrease with distance from the star. Because of 
the balance of pressure, rotation and gravity, 
gas orbits the star slightly slower than an inde-
pendent body at the same distance would.

Consequently, dust grains larger than a few 
millimeters in size tend to outpace the gas, there-
by running into a headwind that slows them 
down and causes them to spiral inward, toward 
the star. The bigger the grains grow, the faster 
they spiral. Chunks a meter in size can halve 
their distance from the star within 1,000 years.

As they approach the star, the grains warm up, 
and eventually water and other low-boiling-
point substances, known as volatiles, boil off. 
The distance at which this happens, the “snow 
line,” lies between 2 and 4 AU (astronomical 
units) from the star, which in our solar system 
falls between the orbits of Mars and Jupiter. (The 
radius of Earth’s orbit is 1 AU.) The snow line di-
vides the planetary system into an inner, volatile-
poor region filled with rocky bodies and an out-
er, volatile-rich region filled with icy ones.

At the snow line itself, water molecules tend 
to accumulate as they boil off grains. This build-
up of water triggers a cascade of effects. It pro-
duces a discontinuity in gas properties at the 
snow line, which leads to a pressure drop there. 
The balance of forces causes the gas to speed up 
its revolution around the central star. Conse-
quently, grains in the vicinity feel not a head-
wind but a tailwind, which boosts their velocity 
and halts their inward migration. As grains con-
tinue to arrive from the outer parts of the disk, 
they pile up at the snow line. In effect, the snow 
line becomes a snowbank.

Crammed together, the grains collide and 
grow. Some break through the snow line and con-
tinue to migrate inward, but in the process they 
become coated with slush and complex molecules, 
which makes them stickier. Some regions are so 
thick with dust that the grains’ collective gravita-
tional attraction also accelerates their growth.

In these ways, the dust grains pack them-
selves into kilometer-size bodies called planetes-
imals. By the end of the stage of planet forma-

THE RISE OF THE OLIGARCHS
[STAGE 3]

Billions of kilometer-size planetesimals, built up during stage 2, then 
agglomerate into moon- to Earth-size bodies known as embryos. Relatively 
few in number, embryos dominate their respective orbital zones; this 
“oligarchy” of embryos competes for the remaining material.

The embryos run out of raw material and stop growing.

Planetesimals collide and adhere. 

A few bodies undergo runaway growth. They stir up the orbits of the rest.

© 2008 SCIENTIFIC AMERICAN, INC.
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Planet Formation: the Big Picture (cont’d)
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Figure 10.6: Schematic of the growth of planets, starting with sub-micron dust, and extending up to the terrestrial planets in the
inner disk, and the gas giants in the outer disk. Some indicative time scales are given, although some intervals, especially around
the meter-size barrier, remain highly uncertain.

tional enhancement factor given by the ratio of the grav-
itational to geometric cross sections. For Keplerian mo-
tion, Ω∝ r−3/2, and the time scale for planet growth in-
creases steeply with increasing r as a consequence of the
dependence ofΩ on r , and becauseΣp is expected to de-
crease with increasing r .

For plausible models of disk mass of order 0.1M⊙,
and a surface density varying as r−1, total formation
times estimated from such models would be of order 4×
106 yr for the Earth (r = 1 AU, Σ∼ 103 kg m−2); 5×108 yr
for a 10M⊕ Jupiter core (Σ∼ 200 kg m−2); and 3×1010 yr
for Neptune (Σ∼ 30 kg m−2), the latter greatly exceeding
the age of the solar system. Since the lifetimes of neb-
ula disks are of order a few million years at most, local
enhancements of the surface density, or a reduction in
the relative planetesimal velocities, are required to re-
duce the formation time scales to plausible durations.

In numerical simulations, protoplanetary growth
proceeds in several different regimes, depending on the
dynamical state of the planetesimal disk. If the growth
of the velocity dispersion is dominated by the embryos
(objects which are growing in size at the expense of oth-
ers, and which will eventually grow to form planets), and
assuming that gravitational focusing is weak, then (e.g.
Rafikov, 2003a, eqn 3)

1
Me

dMe

dt
∝ M−1/3

e . (10.11)

This dependency of growth rate on Me shows that the
embryo’s growth slows as its mass increases. This type of
growth law (which may or may not occur in practice) is
known as orderly growth, and it implies that many em-
bryos grow at roughly the same rate. Orderly growth is
formally characterised by very long time scales, of or-
der 108 − 109 yr (Safronov, 1972), although in the sim-
ulations of Rafikov (2003a), for example, such orderly
growth never develops.

Time scale for growth to 10 km Growth over the
meter-size barrier of 0.01–10 m, perhaps extending up to
104 m, remains particularly uncertain due to the com-
bined effects of fragmentation and radial drift (Rice
et al., 2006; Brauer et al., 2008; Johansen et al., 2008).
The associated formation time scales are correspond-
ingly highly uncertain. Growth to 0.01 m may require
as little as ∼ 103 yr, with growth from 0.01 − 104 m re-
quiring somewhere in the range 103 − 106 yr. Inwardly
drifting dusty bodies up to this size, approaching closer
than ∼0.4 AU to the star, may also be rapidly eroded by
thermophoresis as a result of internal thermal gradients
(Wurm, 2007).

Runaway growth: 10 km to 100 km Mutual gravita-
tional interactions between planetesimals become pro-
gressively more important as their mass increases, since
their effective collisional cross-section is much larger
than their physical cross-section. As a result, object de-
flection, or gravitational focusing, starts to have a sig-
nificant effect on collisional probabilities (Greenzweig
& Lissauer, 1990; Armitage, 2007a, eqn 151–155). At
the same time, dynamical friction develops as an im-
portant mechanism for transferring kinetic energy from
the larger planetesimals to the smaller ones (Stewart &
Wetherill, 1988), keeping the velocity dispersion of the
most massive bodies relatively low, and reducing the for-
mation time scale.

Neglecting the embryo’s effect on growth of the ve-
locity dispersion in the disk, and assuming gravita-
tional focusing is strong, then (Wetherill & Stewart, 1989;
Rafikov, 2003b,a, eqn 4)

1
Me

dMe

dt
∝ M 1/3

e , (10.12)

and the embryo growth accelerates as its mass increases.
This corresponds to a phase of runaway growth (Stewart
& Wetherill, 1988; Wetherill & Stewart, 1989), in which
a few bodies grow rapidly at the expense of the others.

Perryman (2011)



Outline

Observational puzzles of Exoplanets!

Tidal Disruption of Gas Giant Planets!

Giant Impact and Merger Scenario!

Gravitational N-body Simulations



Multiplicity in Kepler Catalogue: !

17% (Borucki+2011) -> 20% 
(Batalha+2013) -> 23% (Burke
+2014)!

Coplanar, close to resonances!

However, …

Solar System Analogues

Fabrycky et al. (2012)
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Diverse Hot Jupiters
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Scenarios of Forming Hot Jupiters

Orbital migration due to planet-disk interactions (Lin et al. 1996)!

Smooth!

Resonant systems!

coplanarity!

Dynamical migration due to the interactions with a third body 
(Socrates et al. 2012)!

High e!

Random inclination



Tidal Disruption of Giant Planets
                                           Lidov-Kozai mechanism!
gaseous disk depleted —>  Planet-planet scattering —> e excitation —> close encounter with host stars!
                                            Secular chaos, …

Li + (2010)



Tides are important



Terminology

The Astrophysical Journal, 762:37 (14pp), 2013 January 1 Liu et al.

subsequent encounters may lead to the circularization of their
orbits (Press & Teukolsky 1977), and provided there is no mass
loss, the planet’s long-term orbital evolution may be modeled
analytically (Ivanov & Papaloizou 2007). However, when giant
planets approach their host stars within several stellar radii,
the tidal force may become sufficiently intense that it can lead
to mass loss or tidal disruption. One particular example is
WASP-12b (Li et al. 2010), which is being tidally distorted
and is continuously losing its mass.

Hydrodynamical simulations have been carried out by Faber
et al. (2005, hereafter FRW) and Guillochon et al. (2011,
hereafter GRL) to study the survivability and orbital evolution
of a Jupiter-mass planet disrupted by a Sun-like star. In the
description of the relative strength of the tidal field exerted on a
planet by the host star, it is useful to define a characteristic tidal
radius as

rt ≡
!

M∗

MP

"1/3

RP, (1)

where MP and RP are the planetary mass and radius, and M∗
is the stellar mass (not to be confused with the Hill radius
and Roche radius, which in this context commonly refer to a
separation distance as measured from the center of mass of
the secondary). At this separation, the volume-averaged stellar
density is equal to the planetary mean density, i.e., rt ≃ 1 R⊙
in this case. Our previous simulations of single nearly parabolic
(with e ≃ 1) encounters show the existence of a mass-shedding
region demarcated by rp/rt ! 2, where rp is periastron distance.
The planet’s specific orbital binding energy after the (either
parabolic or highly elliptical) encounters is smaller for larger
impact parameters (β = rt/rp), despite an enhanced stellar
tidal perturbation. Within a sufficiently close range, planets are
ejected due to mass and energy loss near periastron.

For the more distant periastron encounters, we also inves-
tigated planet’s response after multiple passages (see GRL;
Section 3.2). We considered orbits with e = 0.9 and rp/rt " 2
and showed that successive encounters can enhance planetary
mass and energy changes. We found a critical periastron sep-
aration rp = 2.7 rt within which no planet can avoid destruc-
tion. However, this critical value only places a lower limit on
non-destructive tidal interactions, as the accumulation of energy
required to destroy a planet at wider separations occurs over a
much longer timescale, which has not yet been investigated. We
also noted that the semimajor axes of several known exoplanets
are less than twice this critical separation. If they were scattered
to the proximity of the star on a highly eccentric orbit (e " 0.9),
the initial periastron separation would be less than 2.7 rt, and
thus they would have already been destroyed. We suggested that
either these planets were scattered from a distance that is sub-
stantially closer to the host star than the snow line, or they were
scattered to a further separation and then later migrated inward
under the influence of tidal interaction with their host stars to
their present positions.

To summarize, the observed inner edge of hot Jupiters seems
to suggest they were tidally circularized (Ford & Rasio 2006;
Hellier et al. 2012), as the hydrodynamical simulations (FRW
and GRL) showed that tidal dissipation within the planet alone
results in either the planet’s ejection or disruption. In this work,
we re-examine the disruption and retention of gas giant planets
during their close encounters with their host stars by taking into
account the presence of their dense cores. This possibility is not
only consistent with the internal structure of Saturn (and to a
much less certain extent in Jupiter; Guillot et al. 2004), but is

also consistent with the widely adopted core accretion scenario
(Pollack et al. 1996). We show that the presence of a core with
mass as small as 10 M⊕, e.g., 3% of a Jupiter-like planet’s total
mass, the planet has a far greater chance of survival, even with a
mass loss comparable to the mass within its own envelope. We
also consider the possibility that the tidal disruption mechanism
may be an efficient way to transform a Jupiter-mass planet into
a close-in super-Earth or Neptune-like object, which potentially
may explain the existence of some of the inner edge of close-in
planets.

Our paper is organized as follows. In Section 2, we introduce
a composite polytrope model for planets with cores. Our setup
for hydrodynamic simulations is described in Section 3.1. We
present our simulation results in Section 3.2. In Section 4, we
first discuss the adiabatic responses of mass-losing composite
polytropes and explain the enhanced survivability of planets
with cores as suggested by our numerical results, and search for
potential candidates of tidally disrupted planets in the current
exoplanet sample (including Kepler candidates). We summarize
our work and probe the future directions in Section 5.

2. A COMPOSITE POLYTROPE MODEL FOR GAS
GIANT PLANETS WITH CORES

The core–envelope structure of gas giant planets is determined
by the equation of state (EOS), their metal content, and their
thermal evolution (Guillot et al. 2004). For computational sim-
plicity, we approximate this structure by a composite polytrope
model. This class of models is thoroughly described in Horedt
(2004). Previously, a set of composite n1 = 3 and n2 = 1.5
polytropes has been used to represent the radiative core and the
convective envelope of stars (Rappaport et al. 1983). By finding
the intersection of the solutions of the Lane–Emden equation in
the core and envelope on the U–V plane (see e.g., chapter 21
of Kippenhahn & Weigert 1994), the overall physical properties
envelope in stars can be calculated. In this paper, we adopt this
approach with the incorporation of different species to model
the transition in the composition and EOS at the core–envelope
interface in giant planets (see Figure 1).

The polytropic approximation is simple to use because the
pressure P is a power-law function of the density ρ only

P = Kργ = Kρ(n+1)/n, (2)

where K is a constant. We denote the quantities related to the core
and envelope by subscripts 1 and 2, respectively. To model the
composite polytropic planet, we choose the polytropic indices to
be n1 = 0.5 and n2 = 1 in the core and envelope, corresponding
to γ1 = 3 and γ2 = 2.

Following Rappaport et al. (1983), we express the densities
and pressures as

ρ1 = ρ1cθ
n1
1 , P1 = K1ρ

(n1+1)/n1
1c θn1+1

1 , (3)

ρ2 = ρ2iθ
n2
2 , P2 = K2ρ

(n2+1)/n2
2i θn2+1

2 . (4)

The subscripts c and i denote quantities evaluated at the
planetary center and core–envelope interface, respectively, and
θ is a dimensionless variable which satisfies the Lane–Emden
equation

1
ξ 2

d

dξ

!
ξ 2 dθ

dξ

"
= −θn. (5)

2
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ular clusters (Fabian et al., 1975; Press and Teukolsky, 1977;
Lee and Ostriker, 1986). As far as the close encounter is con-
cerned, the only difference between these two scenarios is
whether the nearly-parabolic orbit of the incoming planet is
in fact slightly hyperbolic or elliptic.
In this paper we study the strong tidal interaction between

a giant planet and a solar-like star using 3-D numerical hy-
drodynamic calculations. We focus on encounters with pe-
riastron separations of a few solar radii, which can lead to
significant dissipation of orbital energy and mass loss. Since
the details of the interaction are insensitive to the sign of the
total energy, our results can be easily applied to the case of
highly-eccentric elliptic orbits or low-energy hyperbolic or-
bits. The main questions we address concern the final fate
of the planet following an interaction, and the possibility of
an observational signature of strong tidal interactions. Sur-
prisingly, we find that complete disruption of a Jupiter-like
planet outside a solar-like star is never possible. If the in-
teraction is close enough for the planet to be stripped of a
significant fraction of its mass, its orbit always gains enough
energy to become unbound (even if the initial orbit was
bound). Even closer interactions would lead instead to a
physical collision with the star. Observationally, hot Jupiters
are confined to a region of parameter space that appears to
follow closely a simple definition of the “tidal limit,” shown
in Fig. 1. Data points indicated by squares represent planets
whose masses are known, since the mass functionMp sin i is
constrained by the observation of transits. In all other cases,
the mass shown represents a lower limit. The only planets
that may fall within this limit, shown as triangles, have a
much smaller mass, close to that of Neptune, and may well
be structurally different from typical gas giants, as we dis-
cuss below.
It is not immediately clear that any common definitions

of the tidal limit should be relevant here. Indeed, each is
made under assumptions that are violated for highly eccen-
tric planetary orbits, e.g., circular orbits and synchronized
spins. We note one crucial fact about all the tidal limits
discussed below, however. They all have the same physical
scalings, with different coefficients, since the underlying di-
mensional analysis is the same for each.
The Hill radius, rH , is defined in the context of the re-

stricted three-body problem, and is commonly used in de-
scribing the orbits of a planet’s satellites. Based on simple
point-mass mechanics, it is found that a satellite can orbit
stably around a planet of mass MP in a circular orbit of ra-
dius a around a star of mass M∗ so long as its own orbit has
a semimajor axis less than

(1)rH = a

!
MP

3(MP + M∗)

"1/3
≈ 0.69q1/3a,

where the latter relation holds for small mass ratios, i.e., q =
MP /M∗ ≪ 1. We note that what Gaudi (2003) refers to as
the “Roche limit” is found by a brief calculation to be the
Hill radius instead.

Fig. 1. Minimum mass MP sin i versus orbital period for the current ob-
served sample of planetary companions. OGLE-TR-56b is one of only six
planets whose orbital inclination is known, all of which are marked by
squares (for these, we show the actual mass). In all six cases, since the
inclination is determined from eclipses, i ! 80◦ . Triangles represent the
possibly lower-mass “hot Neptunes,” GJ436 b and 55 Cnc e, which may
have a qualitatively different structure than the more massive planets on the
figure. The Roche limit, aR , defined via Eq. (3), is shown for a planet with a
radius equal to that of Jupiter, as is the ideal circularization radius, acirc, de-
fined as an orbit with a separation twice as large as the Roche limit. Data are
taken from the extra-solar planets catalog at http://www.obspm.fr/encycl/
cat1.html.

The Roche lobe radius, rR , is defined in terms of the clas-
sical stellar two-body problem. For two point masses in a
circular orbit, there exists a critical equipotential surface in
the rotating frame around each body, within which all coro-
tating fluid is bound to it. This volume can be used to define a
characteristic volume-averaged radius; for mass ratios much
different than unity the Roche lobe around the less massive
body is roughly spherical, with a cusp at the inner Lagrange
point. In the limit of extremely small mass ratios (q ≪ 1),
the Roche lobe radius depends weakly on the compressibil-
ity of the less massive object (the primary is always assumed
to be a point mass; see Lai et al., 1993, for an extended dis-
cussion). In most pioneering works (see, e.g., Jeans, 1919), it
was assumed that the secondary was completely incompress-
ible (corresponding to n = 0, or equivalently, Γ → ∞). For
this case, it was found that

(2)rR = 0.407q1/3a.

Later, Paczyński (1971) considered the opposite limit, treat-
ing the secondary as a point-mass (corresponding to the in-
finitely compressible case). Based on tabulated results, he
found that the Roche lobe radius is given by

(3)rR = 0.462q1/3a,Tidal radius: Roche radius:



 A Tidally Disrupted Gas Giant

Liu+ (2013)



 Tidally Disrupted Gas Giants

Liu+ (2013)
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Adiabatic Evolution of Mass-losing Gas Giants

Liu+ (2013)
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A Census of Possible Candidates 

Liu+ (2013)
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Giant Impacts
Applications in the Solar System: origin of Earth’s Moon, stripping of Mercury’s primordial mantle, 
Uranus’ large obliquity, and the differences in the core mass between Jupiter and Saturn (Li+ 2010)
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Low Speed Oblique Collisions (SPH)

Liu+ (2014)



Low Speed Oblique Collisions (FLASH)

Liu+ (2014)
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Low Speed Oblique Impact (Summary)
Low speed impacts generally 
lead to mergers.!

Energy injections inflate the 
gas giant substantially.!

A rotational flattening 
structure is observed after 
the impact.!

Discrepancies between the 
two methods

Liu+ (2014)



25 Earth Mass Impactor

Liu+ (2014)



High Speed Oblique Impact (FLASH)

Liu+ (2014)
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High Speed Oblique Collisions (Summary)

Liu+ (2014)

The fly-by impactor may 
leave gas giant’s core 
unaltered.!

Energy injections inflate the 
gas giant substantially.!

The impactor does not 
deposit much angular 
momentum !

Discrepancies between the 
two methods



10 Earth Mass Impactor

Liu+ (2014)



Merger of  Two Gas Giants (FLASH)

Liu+ (2014)
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Merger of  Two Gas Giants (Summary)

Liu+ (2014)

In order to merger, both the 
collision speed and impact 
parameter have to be small !

Energy injections inflate the 
gas giant substantially.!

The merger product gains a 
lot of angular momentum!

Discrepancies between the 
two methods



Two Gas Giant Merger

Liu+ (2014)



SPH vs FLASH (AMR)
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Boundary Determination in FLASH
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Oblateness caused by oblique collisions
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Gravitational N-body Simulations including Collisions
A complementary method to study the long-term evolution and dynamical outcomes



Thank you!


